Structure of the solar atmosphere: aradio
per spective

C. E. Alissandrakis

Abstract Solar radio emission has been providing information about the sun for
over half a century. In order to fully exploit this information, one needs to have a
broader view of the solar atmosphere, which cannot be provided by radio obser-
vations alone. The scope of this chapter is to present this background information,
which is necessary to understand the physical processes that determine the solar
radio emission.

1 Introduction

By definition, the atmosphere of a star is the region from which photons can escape
and reach the observer. Photons are not our only source of information for the sun;
important information can also be obtained from particles originating on the sun
and reaching the vicinity of the earth, both in the form of the quasi-steady flow
of the solar wind and during energetic events. The magnetic field carried by the
solar wind plasmais also an important carrier of information. Still, the bulk of what
we know about the sun comes from photons, thus in this chapter we will restrict
ourselves to the the results obtained from the analysis of the solar electromagnetic
emission, in an attempt to compile a concise, but still comprehensive picture of the
structure of the solar atmosphere; we will also try to give a historical perspective,
asfar as possible. More details can be found in a number of monographs on the sun
(Kuiper [96], Zirin [199, 198], Foukal [66], Durrant [51], Priest [152], Stix [176],
Aschwanden [13]) and on solar radio astronomy (Kundu [101], Zheleznykov [197],
Kriger [99]). There also reviews on the quiet sun radio emission that the reader
might be interested in (Alissandrakis[4], Gary [67], Alissandrakis and Einaudi [6],

C. E. Alissandrakis
Department of Physics, University of loannina, GR-45110 |oannina Greece, and LESIA, Observa-
toire de Paris-Meudon e-mail: calissane@cc.uoi.gr



2 C. E. Alissandrakis

Lantos[116], Shibasaki [168], Keller and Krucker [89] and Shibasaki, Alissandrakis
and Pohjolainen [169]).

As arule, the term structure refers to the description of physical parameters as
a function of position (in three dimensions) and time. As far as the time scale is
concerned, solar phenomena are divided in three groups: the quiet sun, the slowly
varying component and the sporadic component. This grouping also reflects the
energy associated with the phenomena, with the sporadic emission being the most
energetic. Here we will not discuss sporadic phenomena, but we will only consider
the quiet sun and the slowly varying component that form the background for the
more energetic phenomena.

Itisimportant to stress that, as the the solar emission extends over awide spectral
range, from y-raysto radio waves, no single spectral window can provide complete
information on solar phenomena. Yet, for reasons that have to do with the instru-
mentation and the effects of the earth’s atmosphere, astronomical observationsrefer
to particular spectral windows. Each spectral window offers unique information, ra-
dio being no exception. Addressing an audience of solar radio astronomers, we will
try to emphasize what this spectral range has offered to our understanding of the sun
and to integrate radio data with data from other spectral ranges.

Although this chapter is about the sun’s atmosphere, we will start with a brief
section on its interior, which plays the role of the source for all atmospheric phe-
nomena. We will continue with a discussion of the radial structure of the solar at-
mosphere and then with its horizontal structure. We will then pass to active regions
and we will finish with a discussion of the heating problem.

2 From the coreto the solar atmosphere

Until a few decades ago, we had no direct information about the interior of the
sun; what we knew was based on the theory of stellar structure, which produced
the so called standard model of the solar interior. The most important conclusion,
apart from the fact that conditions in the solar core are appropriate for the fusion
of hydrogen to helium through the proton-proton cycle, is that the interior of the
sun is radiative up to ~ 0.71R, where convection starts and operates up to the
subphotospheric layers. The convection zone has huge implications on the solar
dynamo [145, 36], producing the magnetic field observed in the atmospheric layers
and governing their structure.

The detection of neutrinos produced by nuclear fusion reactions in the solar core
opened up a new area of research [42]. However, it turned out that neutrino astron-
omy gave us more information about the properties of neutrinos[1], rather than the
solar interior. Real observational information about the interior of the sun camewith
helioseismology (see review by Christensen-Dalsgaard [40]).

When velocity oscillations were discovered by Leighton, Noyesand Simon [122]
and by Evans and Michard [55], they were considered to be alocal phenomenon.
It was thanks to the works of Deubner [45] and Hill [34], that their true character,
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as global acoustic (p-mode) oscillations for which the sun acts like a cavity, was
revealed. The oscillations are also observed in intensity, easily detectable as small
fluctuating elements, in certain spectral ranges such as the UV continuum around
1700A, as shown in Fig. 1.
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Fig. 1 A quiet region observed with TRACE in the 1700A band (top left), processed to show only
oscillating elements. A time average of the same region over 4 hours in the top right panel shows
the enhanced emission associated with the network (see Section 5.2). A position-time cut of the
intensity (bottom left) shows the wavy nature of the spatio-temporal variations, verified by the w-k
diagram of the bottom right panel, which clearly shows the ridges associated with the acoustic
waves

Helioseismological spectral data are as rich in spectral lines as the optical solar
spectrum or even richer, and their inversion allows us to measure quantities such as
the speed of sound and the speed of rotation in the solar interior. The most impres-
siveresults are the excellent agreement with the standard model (Fig. 2, left) and the
rigid rotation of the solar interior (Fig. 2, right) below the convection zone. However,
if the revised, significantly lower, abundancesof C, N, and O, are used [14], thereis
an important discrepancy between helioseismology and solar interior models which
has not found a satisfactory solution yet.
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Fig. 2 Helioseismology results: Deviation of the measured speed of sound from that predicted
by the standard model of the solar interior (left, from [21]) and angular velocity of solar rota-
tion as a function of latitude and distance from the center of the sun (right, from Christensen-
Dalsgaard [40]). The vertical dashed line marks the bottom of the convection zone.

Ascan be seen in Fig. 2, p modes cannot probe the deep solar interior; g modes,
for which gravity (buoyancy) is the restoring force, are much better in this re-
spect [12]. However, gravity waves cannot propagate in a convectively unstable
medium, such as the convection zone; they are evanescent there and are expected
to come out in the photosphere with a much reduced, undetectabl e yet, amplitude.
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Fig. 3 Structure of the sun below a sunspot: Perturbation of the speed of sound (left) and flow
velocity (right) from time-distance helioseismology. Note that the vertical scale is much more
expanded than the horizontal. From Zhao, Kosovichev, and Sekii [193]

With the advent of time-distance seismology, we have also been able to map the
horizontal structure of the solar interior, in the sub-photospheric layers [77, 93].
Impressive results have been obtained, such as those shown in Fig.3: two layers
appear in the structure of a spot below the photosphere, one with negative sound-
speed perturbation (i.e. temperature lower than the average) and downflows in the
top 4 to 5 Mm and one with a positive perturbation in deeper layers. Similar results
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werereported in [ 78] and more are expected as the method is refined and the quality
of observationsimproves.

3 Atmospheric structure

3.1 Elementary physics of the solar atmosphere

Part of energy radiated by the sun reaches the earth and it can be measured. From
the value of the solar constant (the energy per unit area per unit time at 1AU),
together with the solar radius and the sun-earth distance, the effective temperature
of the visible layer of the solar atmosphere (the photosphere) can be computed. Its
value of 5800K gives us ameasure of the photospheric temperature, and thisis very
important information.

Let usnote further that in visible light the sun appearsas adisk with asharp limb.
From this elementary remark we can infer that the photospheric density decreases
very fast with height, i.e. that the density scale height is much smaller than the solar
radius. Indeed, under the (crude) isothermal approximation, let us start from the
equation of hydrostatic equilibrium,

dp _

-9 @

where p isthe pressure, g the gravity (assumed constant) and p the density. We can
further express the pressure in terms of the density, using the equation of state,

P
= NKT = kT 2
P Mol MH ( )

where N is the number density of particles, i is the mean molecular weight (=1
for an atmosphere of neutral Hydrogen, 0.5 for fully ionized Hydrogen, 0.61 for
10% Helium), my the hydrogen mass, k the Boltzmann constant and T the temper-
ature. Integrating (1) we obtain:

p = poe /M (3
where p,, isthe density at z= 0 and

H— kT
Otmol MH

(4)

is the isothermal scale height. Expressions similar to (3) hold for the pressure and
for the number density. For the effective temperature of the photosphere, the scale
height is amere 175km, i.e. just 0.0025R, which tells us that the photosphereis
very thin and, at the same time, explains why the optical limb is so sharp.
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Another well known fact is that, during total eclipses of the sun and at the time
that the moon has covered completely the photosphere, a bright red-colored cres-
cent appears, the chromosphere; its extent is certainly greater than that of the pho-
tosphere and this, following the argument about the scale height, implies that it has
ahigher temperature. The fact that it is much fainter than the photosphere, indicates
that it has also a much lower density. Finally, much more extended, faint and dif-
fuse than the chromosphere is the corona, which appears when the chromosphere
has been covered by the moon. Again this implies very high temperature, much
higher than that of the chromosphere, and very low density. Last but not least, the
huge temperature difference between the chromosphere and the corona requires a
chromosphere-corona Transition Region (TR) to bridge the two.

Thus, using simple physical arguments, we have discovered the principal layers
of the solar atmosphere and we have come across a basic problem of solar physics:
that of the heating of the chromosphere and the corona, which we will discuss fur-
ther in section 7

3.2 Extracting the information

In order to go beyond the elementary arguments of the previous section, we have
to know how the physical conditionsinfluence the production and transport of pho-
tons. The electromagnetic radiation that comesto usis rich in information about the
physical conditionsin the region of its formation, such as the electron temperature,
the electron density and pressure, the magnetic field, the velocity of flow, the abun-
dance of elements etc. It is the astrophysicist’s task to extract this information and
the main tool for this is the theory of radiative transfer [134, 160]. Without going
into the details, let us remind the reader that the specific intensity, | ,,, observed at the
frequency, v, that reaches the observer from a stellar atmosphereis given by the for-
mal solution of the transfer equation for a plane-parallel, semi-infinite atmosphere:

ly(ty =0,u) = /:Sveftvm dty/u 5)

Heretheintegrationis carried along the vertical direction, z, whichformsan angle 6
with the path of the radiation (i.e. with the line of sight, in the absence of refraction),
hence the presence of u = cos@ in Equation (5); the position along the vertical
is expressed in terms of the optical depth, t,, which is related to the geometrical
height, z, and the opacity of the material through:

dfv == _kvpdz (6)

where p is the density of the material and k, is the absorption coefficient, which
depends on the prevailing emission/absorption processes. The minussign is because
the optical depth is measured from the observer to the star, while z is measured in
the opposite direction. Furthermore, S, in Equation (5) is the source function, which
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isthe ratio of the coefficients of emission, j,, and absorption, ky,,

Jv
S=i (7)
and expresses the emissivity of the material; it isequal to the Plank function, B, (T),
under conditions of Local Thermodynamic Equilibrium (LTE).

From the very form of Equation (5), we can see that the specific intensity carries
information about all atmospheric layers and that the contribution of each layer is
weighted by the local value of the source function and reduced by the absorption
of overlying layers. It is easy to prove that, in first order approximation, the ob-
served specific intensity corresponds to the value of the source functionat 7, = u
(Eddington-Barhier relation); thus at the center of thedisk we seeat 7 = 1.

Fig. 4 Solar images on October 7, 2009 in the blue part of the spectrum (Ieft) in the red (middie)
from the Mauna Loa Solar Observatory (MLSO) and at 4 = 5.2cm from the Siberian Solar Radio
Telescope (SSRT)

In practice, we can probe the atmosphere by two means. One is by varying u,
which is can be done by measuring the variation of the specific intensity from the
center of the solar disk where u = 1 to thelimb, where u = 0. It isalso easy to show
that, if the temperature decreases with height, the intensity at the limb islower than
at the disk center (limb darkening); in the opposite case the limb is brighter. Fig. 4
shows three full disk solar images. Two of them, in the optical range, show limb
darkening (morein the blue than in the red part of the spectrum), which provesthat
the temperatureis decreasing with height in the region of formation of the radiation
(photosphere); the third, in the microwave range, shows signs of limb brightening,
which indicates that the temperature is rising above the photosphere, where the ra-
diationis formed.

The second method for probing the atmosphere is by varying the frequency of
observation, which changes the opacity; for obvious reasons, this variation is weak
in the continuum and very strong in spectral lines. As Fig. 5 shows, this method
alows us to probe a height range of ~ 600km, where the temperature ranges from
~ 4500K to ~ 6700K. Thisrequiresafairly broad spectral range, from sub-mm A
to the far ultraviolet, as shown in the figure.
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Fig. 5 Observed continuum brightness temperature at the center of the solar disk as a function of
wavelength (shaded band) and the approximate height of formation of the radiation (from [186])

It follows from the above discussion that, in principle, one could invert Equa-
tion (5) and recover the information on the physical conditions. This is the basis
for the computation of empirical atmospheric models (see Chapter 6.10 in [198]).
Things are not simple though, because of the complex dependence of the absorp-
tion coefficient on the physical conditions and due to departures from LTE. The
situation is better in the radio range, thanks to the Rayleigh-Jeans approximation to
the Planck function and the fact that electrons, which are responsible for thermal
emission, areawaysin LTE. Under these circumstances, the solution of the transfer
equation takes a much simpler form:

T, = /wTee*tV/’“‘ dty /u ®)
0

which links the electron temperature, Te, with the observed brightness temperature,
Ty (see Equation (2) inintroduction by Klein for adefinition of Ty).

We will finish the section by considering the emission of a homogeneous slab of
material (cloud), overlying a background of specific intensity | yo:

ly=loe ™ +S,(1-e ™) ©)

or, for the radio range,
Th=Tho€ ™+ Te(1—€ ) (10)

An important consequence of these relations is that, if the slab is optically thick, a
measurement of the brightnesstemperature givesusdirectly the value of the electron
temperature (T, ~ Te, for 7, >> 1). If, on the contrary, the slab is optically thin
(ty << 1) and thereis no background emission, its brightness temperatureis lower
than its electron temperature;

Ty=r1Te (11
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4 Radial structure of the solar atmosphere

In our discussion in the previous section weimplicitly assumed that solar parameters
vary only in the radial direction. However, anyone who has seen solar images will
agreethat the Sunisextremely rich in horizontal structuresand that inhomogeneities
become more prominent as we move from the photosphere to the chromosphere and
the corona. Moreover, as the spatial resolution of our instruments increases, we
become more and more aware of the importance of horizontal structures.

Under these circumstances, it is rather surprising that one-dimensional models
which, in addition to treating the physical parameters as a function of height only,
al so assume hydrostatic equilibrium, have any resemblanceto the observationsat all.
The physical reason behind the success of such models is gravity, which produces
a strong radial stratification in the solar atmosphere; as a consequence, the radial
density gradient is much larger than the horizontal, at least in the lower atmospheric
layers.

In this section we will present and discuss various one-dimensional empirical
models of the solar atmosphere, from the photosphere to the corona.

4.1 Empirical modelsfor the low atmosphere

There is a long tradition of 1-D empirical solar models. The Bilderberg Contin-
uum Atmosphere (BCA [75]), which superseded the Utrecht Reference Photo-
sphere (URP[82]), wasthefirst to take into account mm-wave observationstogether
with EUV data; a comparison between BCA-predicted brightness temperatures and
observations in the range of 0.0086—15.8mm was presented in Fig. 7 of [143].
The Harvard Smithsonian Reference Atmosphere (HSRA; [76]) followed, and the
brightness computations and comparison with data were extended to 10cm (Fig. 3
in[76]).

These models did not extend beyond the chromosphere; they all stopped around
Te ~ 10*K, which is too low for model computations in the cm radio wavelength
range and beyond. The Vernazza, Avrett and Loeser (VAL) models that followed
[185, 186, 187] extended the temperature range up to 3x 104K, into the lower part
of the transition region. The subsequent Fontenla, Avrett and Loeser (FAL) models
[56, 57, 58] went up to 10° K, while one model of the same authors [59] went up
to 1.2x10°K, in the upper TR. These models also developed further the multi-
component approach, first introduced in [187], to represent different quiet and active
regions on the Sun. Note that multi-component models are not really 3-D, since
rediative transfer in the horizontal direction is not taken into account.

In the more recent works [60, 61, 62], the emphasis shifted again to the lower
atmospheric layers (up to 104 K). Still, Avrett and Loeser [18] produced a model of
the average quiet Sun chromosphere and TR up to 1.6x 10 by extending model C
(average quiet Sun) of [60]. The authors computed, among other things, the spec-
trum in the range of 0.04—40mm. Their results are shown in Fig. 6, together with
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Fig. 6 The variation of temperature with height, according to the model of Avrett and Loeser [18],
together with contribution functions at several wavelengths, including microwave (left panel); the
corresponding spectrum is shown in the right panel.

the temperature vs. height variation of their model and the contribution functions at
several wavelengths, including some in the short microwave range. Note that the ex-
tent of the photosphereis only afew hundred km, in agreement with the arguments
presented in Section 3.1. Note also that the microwave spectrum reproduces, as ex-
pected, the shape of the Te(2) curve. According to this figure, most of the emission
at 3cm and shorter wavelengths originates below the TR, with a small contribution
from the latter and practically no contribution from the corona.

In order to compute brightness spectra at longer wavelengths, one has to add
a corona contribution. Zirin, Baumert and Hurford [200] found that their mea-
surements, which extended up to 21 c¢cm, could simply be reproduced by a two-
component model: an optically thick chromosphere and an isothermal corona. We
know, however, that thereis a TR between these two (see further discussion in Sec-
tion 4.3.2). In a recent work, Selhorst, Silva and Costa [167] used a hybrid model
(combination of models for the photosphere, chromosphere, and corona) to repro-
duce the observed features in Nobeyama Radioheliograph (NoRH) images at 17
GHz. To obtain acceptabl e brightness temperature values and the observed solar ra-
dius, they had to include absorbing chromospheric structures, such as spicules (see
section 5.3) into the model, as has been done in the past (e.g. [115]), in order to
explain why the observed center-to-limb variation shows less brightening than the
homogeneous models predict, or even shows darkening. Their computed spectrum
is shown in Fig. 7, together with a model by Bastian Dulk and Leblanc [20] that
covers approximately the same frequency range.

The results presented in Fig. 6 and 7 show that a model can be found that fits
most microwave data, although there is a large scatter in the mm to sub-mm range
dueto inherent difficultiesin the measurements and possible solar cycle effects. The
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Fig. 7 Left: Observed brightness temperatures of the solar disk center (symbols) and the hybrid
model fit (solid line) of Selhorst, Silva and Costa [167], presented over a wide frequency range.
Right: Spectra computed by Bastian Dulk and Leblanc [20]; solid line: on the basis of a model by
Avrett [17]; dot-dashed line: with the addition of a minimum corona inferred by Zirin, Baumert
and Hurford [200]; dotted line: with the addition of three-times the minimum corona. Filled circles
are the measurements of Zirin, Baumert and Hurford [200], squares are VLA measurements by the
authors.

main problem with these modelsis that the radio data are better fitted with models
that represent the cell interior, rather than with average models, which predict too
much radio flux.

4.2 Emission measure and differential emission measure

All computations of the quiet sun radio emission presented above start from standard
atmospheric models. In adifferent approach, several authors havetried to use direct
information from the EUV part of the spectrum to compute the radio brightness,
which is reasonable since the radiation in both wavelength ranges is formed in the
same atmospheric layers. In one approach the emission measure, EM, which is a
measure of the electron density, Ne, along the line of sight, is used:

L
EM = / N2d¢ (12)
0
This quantity appearsin the expression for the integrated intensity of EUV lines:
1t 5 1
| = E/o G(Te,Ne) Ng d?l ~ e < G(Te,Ne) > EM, (13)

where G(Te, Ne) is the contribution function for the line.
The emission measure also appears in the expression for the radio brightness
temperature; for an isothermal layer and negligible refraction we get from Equa-
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tion (6):
1 L EM
=E—— | N2dl=¢— 14
: f2Te3/2/0 el =< for/? 0
where we used the standard expression for the absorption coefficient at the fre-
quency f [101],
N

Here & is aslowly varying function of Te and Ne (£ ~ 0.12 in the chromosphere
and ~0.2in the corona), n; isthe index of refraction (~ 1 at short wavelengths) and
Aj(B,0) is afunction of the magnitude of the magnetic field B and its angle with
theline of sight, 6 [197]. Note that here k is used instead of kp in Equation (6).
Furthermore, if the emitting layer is optically thin (cf Equation (10)),

Kij(Te;Ne) = & Aj(B,0) (15)

EM
fo1/?

Ty~ TTe=& (16)

Fig. 8 EIT image at 195 A (left), computed brightness (middle), and observed (VLA) brightness
at 20 cm for November 11, 1997. Figure adapted from Zhang et al. [194]

It is a well known practice to use two EUV lines for an estimate of the plasma
temperature and the emission measure. Zhang et al. [194] used three EIT images,
at 171, 195 and 284 A, to derive the emission measurein atwo-temperature model.
They used this information to compute the emission at 6 and 20 cm wavelengths,
which they compared with their VLA observations. Fig. 8 shows their results at 20
cm. Although the model image looks very much like the observed, the computed
brightness temperature was twice the observed at both wavelengths. They attributed
the discrepancy to errorsin the coronal abundances used to infer the radio flux from
the EIT data. Their results also raise the question of accuracy in temperature and
emission measure computations from broad-band EUV images.

The differential emission measure (DEM) is even better than the emission mea-
sure; it is defined as
5 dl

(P(TE) = Ne d_Te (17)
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and represents the distribution of electron density over atemperaturerange T, to Tp.
Equations (13) and (14) are then replaced by

1 [T
= / G(Te, Ne)9(Te)dTe (18)
T T
;
e= & [P 2pmdT, (19)
f2 T

and the isothermal assumption is dropped. Obviously, one needs many EUV lines,
formed over the appropriate temperature range, in order to make good use of the
DEM.
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Fig. 9 Spectra computed by Landi and Chiuderi Drago [114] (left) and the corresponding differ-
ential emission measure (right).

Landi and Chiuderi Drago [113] used the DEM values derived from UV and
EUV gpectral line intensities observed by SUMER and CDS, and showed that a
TR model for the cell interior — excluding any network contribution — could give
an agreement with the observed radio brightness temperatures. In a subsequent
work [114], the same authors showed that radio observations provide a much more
reliable diagnostic tool for the determination of the DEM than UV and EUV linesat
T < 30000K, sincethelatter are optically thick. Moreover, they extended the DEM
down to 5600K using the radio spectrum from 1.5 to 345GHz, and obtained very
good agreement with the radio data (Fig. 9).
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4.3 Coronal and Transition Region models

4.3.1 Modelsfrom optical and EUV Data

As mentioned already in Section 3.1, the extent of the coronaindicates alarge scale
height and a high temperature. Emission linesin the optical spectrum (the emission
line or E-corona), also provide evidence for a hot corona. These lines, originally
attributed to an unknown element (coronium), turned out to be due to forbidden
transitions of highly ionized species, such as Fex (the red line at 6374 A), Fexiv
(thegreenlineat 5303 A) and CaxV (theyellow lineat 5494 A); they wereidentified
thanks to the work of Grotrian [79] and of Edlén [52]. The issue of their formation
temperaturewas not settled, until diel ectronic recombination was taken into account
(for avivid account see Chapters 6.3 and 7.3 in Zirin's book [199]).

Due to the difficulties in the interpretation of the line emission, coronal models
are based on the continuum white light corona, which is due to Thomson scattering
of photospheric photons on the free electrons of the coronal plasma [184]. This
emission is linearly polarized and constitutes the K corona (kontinuierlich); there
is also unpolarized emission (the F corona), which is due to Rayleigh scattering in
dust and small particles that exist between the sun and the earth.

Assuming spherical symmetry, a number of models have been produced [2, 184,
136, 161] from K corona data. In spite of the fact that the coronais highly inho-
mogeneous, some of them, namely the Newkirk [136] and Saito [161] models are
still in use; they are very useful in modeling the radio emission and in estimates of
the height of radio sources (see chapter by Klein). The Newkirk model predicts a
variation of the electron density, n, with the distance, r, from the center of the sun
that has the form:

Ne = 4.210*10*3R:/7 = 4.210*e?%R. /" (20)

which is hydrostatic, since solution of the hydrostatic equilibrium equation (1), in
spherical coordinates and taking into account the variation of gravity with height,
takes the form:

(21)
whereH  isthe scale height at the base of the corona. A comparison of the Newkirk
model with the hydrostatic gives (cf. chapter by Klein),
Neo = 8.810% cm™3 (22)
H. = 0.1005R, = 70000 km (23)
this value of the scale height corresponds to a coronal temperature of T = 1.4110°

K.
The Saito model allows for density variations with latitude, ¢:
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3.09-10%(1—0.95singp) 1.58-108(1—0.5sing)

Ne = (r/R,)% + (r/R,)®
0.0251-108(1— /S
x R(g)z.s\/SW) (24)

The polar corona reflects coronal hole conditions, but coronal holes were not
known at the time. The Saito model is close to hydrostatic; the best fit in the range
of 1to 2R, is obtained for a scale height of 0.103R  (coronal temperature Te =
1.44.-10° K) Atr =R, the model gives lower densmes than the Newkirk model:
4.7108 cm~3 at the equator and 9.5107 cm~3 at the poles.

Newkirk "representative” corona, equator, minimum

~
h

Fig. 10 Equatoria “repre-
sentative” equatorial coronal
density at minimum, after
Table | of Newkirk [137],

6

log of electron density

as a function of the inverse 4]

distance from the center of the

sun, up to 30R, . The solid 3

line represents the hydrostatic PN SR A A SRR A A A ) 0
model. Ro/r

Far from the photosphere, the hydrostatic model is not valid; indeed, Equa
tion (21) predicts afinite density, noexp(R. H. ), when r goesto infinity; moreover,
the limiting value for the sun is five orders of magnitude above the density of the
interplanetary medium. This means nothing other than that the corona cannot be in
hydrostatic equilibrium and we know very well that it is not, as the supersonic, su-
peralfvénic solar wind sets up, with the sonic point located near ~ 3R . Thefall of
the measured electron density below the values predicted by the hydrosxatlc model
is clearly seen in plots of the electron density as a function of distance, such as that
in Fig. 10 (see also Fig. 4 of Koutchmy [109], reproduced as Fig. 3 in the introduc-
tory chapter [Klein]). In one case, the departure of the density from the hydrostatic
model was used to estimate the velocity of solar wind flow [111], which was found
consistent with the theory.

Between the chromosphere and the corona there is a thin (a few thousand km)
Transition Region (TR), where the temperature rises fast from ~ 104K to ~ 106 K.
Many ions have ionization states in this temperature range and emit spectral lines
in the extreme ultraviolet range (EUV) of the spectrum. Early space observations
of these lines [50, 15] indicated that the temperature structure of the TR is such
that the conductive flux, from the coronato the chromosphere, is constant; this can
be explained in terms of the thinness of the TR, due to which very little energy is
radiated and there is no convection in any case. Under the constant conductive flux
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assumption, the temperature gradient is given by:

dT  Fel s/
7= AT (25)

where F¢ is the conductive flux and A is a constant with the value of 1.1106 cgs
units. Integration gives:

2/7
_ g2 TR,

T@= T+ 55 (2 2) (26)
where T, is the temperature at the reference height, z,, which could be at any point
withinthe TR.

Solving the hydrostatic equilibrium equation we get for the electron density:

.
Ne(T) = Neo exp~8.920~(T/2 - T5/%)/Fd] (27

Asmentioned in section 4.1, some recent empirical models, such asthat of Avrett
and Loeser [18] shown in Fig. 6, include the TR. The model goes from the photo-
sphere up to a temperature of 1.5910° K, reached at a height of 68000 km. It is an
equilibrium model, taking into account the contribution of the dynamic pressure of
turbulent motions to the total pressure. The conductive flux in the transition region
ranges from ~ 10° at 210°K to ~ 310° at 1.5910°K with a representative value of
~ 2.410°.

4.3.2 Implicationsfor theradio range

We can compute the optical depth of the TR in the radio range by first expressing
Eqg. (6) in terms of the temperature gradient [8]; we then get, using (25) and (15):
dz daT

dr = —komdT = —I'— (28)
where I" = EAp?/ 2R, p= NeT is proportional to the pressure and refraction has
been ignored. Since the TR is very thin, the pressure can be assumed constant and,
ignoring also the small variation of £ with temperature, the optical depth of a TR
layer extending from Ty to T, is given by integrating (28):

ttr=1I"1In E (29)
T1

Subsequent integration of the transfer equation gives the brightness temperature of
the layer:
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r+1
&) e

Substitution of numerical values shows that, in the microwaverange, both I" <<
1 and 1R << 1, thus we obtain from (30):

r
r+1

r
TotR= 5 (T2—Tie "R) =

T|1-
r+1 2

Torr= T (T2—Ty) (31)

A similar computation can be done for an isothermal, hydrostatic corona. If the
variation of the scale height with zisignored, which is not a bad assumption for the
microwave range where the coronal contribution comes from the lower layers, we
get for the coronal 7, and Ty, after [8]:

7 = 0.5k H (32)
Tb,c =T Tc (33)

Putting everything together, if we have a corona on the top of atransition region
and a region with brightness temperature Ty, at the bottom, the observed brightness
is.

To = Tho &XP(—TTR— Tc) + To TR €XP(—Tc) + Thc (34

and, in the optically thin approximation:
To=Tho + ['(Tc—T1) + cTe (35)

Note that, the second term in the rhs of Eq. (35), which represents the TR con-
tribution, has the same form of frequency dependence (I" o< f ~2) as the third term,
which represents the coronal contribution (tc =< f~2). It is therefore not surprising
that Zirin, Baumert and Hurford [200] could not distinguish between the transition
region and the coronain their spectral measurements.

As we move from the cm to the meter range, the optical depth of the chromo-
sphere-coronatransition region (TR) and the coronaincrease, due to the growth of
the absorption coefficient which is proportional to the square of the wavelength. At
the same time, as the observing wavel ength increases, the frequency approachesthe
plasma frequency, the index of refraction (see chapter Alissandrakis-2 for expres-
sions) departs from unity and the rays eventually suffer total reflection (Fig. 11, left
panel). As aresult of refraction and reflection, the lower part of the coronais in-
accessible. Moreover, the observed position of alocalized source will be displaced
towards the disk center, an effect which is stronger near the limb; a source may
even appear in two places, if the optical depth along the path of the refracted ray is
small. In any case, both the radiative transfer and the ray tracing eguations should
be solved for model computations.

Refraction effects are not important, unless the optical depth between the ob-
server and the point of total reflection is small. Thisisillustrated in the right panel
of Fig. 11, where the height of reflection, the optical depth up to reflection and the
resulting brightness temperature are plotted as a function of frequency for the cen-
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Brightness Temperature

Optical Depth up to reflection
Elssa

Solar Radii

Reflection Height

)
Solar Radii

Fig. 11 Left: Ray paths at metric wavelengths, showing the effects of refraction and total reflection.

Right: The height of reflection, the optical depth up to the reflection point and the brightness
temperature as afunction of frequency for the center of the solar disk. Theray tracing computations
were performed for a Saito equatorial density model, with a coronal temperature of 1.52 1¢ K and

aconstant conductive flux TR with R, = 10° ergem—2s~1 (from [4]).

ter of the solar disk. For frequencies higher than ~125 MHz the reflection point is
inside the TR (between the dashed lines at the bottom of the figure). However, radi-
ation from the reflection point does not reach the observer because is is absorbed
by the overlaying layers which are optically thick; thus the brightness tempera-
ture increases with decreasing frequency, as the effective depth of formation moves
through the TR towards the corona. At longer wavelengths the rays are reflected
before they accumulate sufficient optical depth and the brightness temperature de-
creases, remaining below the coronal electron temperature (dashed line, top panel
of thefigure).

The above predictions are verified by observations at long (metric) wavelengths,
where there is a marked departure of the brightness temperature below the coronal
electron temperature, with the brightness temperature showing a maximum of <
106 K near 2-3m (see Table 1 and Fig. 4 of Lantos[116]). In addition to refraction,
scattering by random density fluctuations also plays a role [16, 83, 179, 180, 19,
181]. Scattering smooths sources of small angular size and increases the apparent
size of the radio Sun; it also displaces sources in a direction opposite to that of
refraction.
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5 Horizontal structure

5.1 Theoretical issues

The importance of horizontal structure was pointed out in section 4. A basic ques-
tion that we will address here is what determines the horizontal structure. In order
to answer this question we will resort to plasma physics (see also Chapter 2in[152]
and Chapter 6 in [13]). We will start with the MHD equation of momentum trans-
port:

p(a—VJrV-VV) :pg—VP+£ (36)

at c

where V is the plasma flow velocity, B the magnetic field, J the electric current
density, P the pressure and g the gravity. The magnetic field acts upon the plasma
through the Lorentz force, J x B/c, which is perpendicular to the field. Using
Ampere's law,

4
VxB= ?”J (37)
we can eliminate the current in the Lorentz force to get:
JxB B2 B-VB

=-V— 38
c 8n + Az (38)

which decomposes the Lorentz force to a magnetic pressure term:

BZ

P, = — 39
=g (39)

and a magnetic tension term which depends on the curvature of the magnetic field
lines; indeed, the second term in the right hand side of Equation (38) can be written
as.

B-VB B?q B2

= ——4 VH _

Ar 41t R: 8r

where V| is the component of the gradient parallel to the field, i is the unit vector
perpendicular to the field, Rc is the curvature of magnetic field lines:

(40)

— =b-Vb (41)

where b is the unit vector along the field. Going back to Equation (38), the Lorentz

force can be written as: )
JxB B-
=V, Phnt+—— 42
1Fm+ R (42)
the first term in the rhs being the magnetic pressure and the second the magnetic
tension.
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Sincethe Lorentz force acts perpendicular to the field, parallel to the field we can
write from Equation (36):

pl—op TVIEWI ) =p9 —VP (43)
Whichis Bernouli’s equation of flow in aflux tube. Moreover, if the plasmamotion
isslow, i.e,

VL \/E =Vs (sound speed) (44

B ,
V < \/4—n—p = Va (Alfvén speed) (45)

V < \/Lg~vg (freefal speed) (46)

the velocity terms in the momentum transfer equation can be ignored, and we get
the hydrostatic equilibrium equation:

V|P=pg (47)

which has the solution: )
[Z Z

P=Pye '2HM (48)
whereH (T) = (KT)/(9umo M) isthe scale height (cf section 3.1).

The conclusion from the above analysisis that, under the conditions specified by
Equations (44) to (46), each magnetic flux tube can have its own atmosphere, as far
as the pressure distribution is concerned. Moreover, since the heat conduction coef-
ficient is much higher aong the magnetic field then in the perpendicular direction,
each flux tube can have its own temperature distribution.

Let us now consider the equation for the time variation of the magnetic field.
Starting from Ohm’'s law:

V xB
c
where E isthe electric field, J isthe electric current density and n is the resistivity;
substituting in Faraday’s law,

E+

=nd (49)

10B

we obtain the induction equation:
9B nc_,
In the case of
4nVL

@ =Rn<l (52)
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where Ry, isthe magnetic Reynolds number, the second term in the right hand side of
Equation (51) can beignored; in this case the time evol ution of thefield is described
by a diffusion equation: ,

B  nce_,

ot 4z VB ®3)
and magnetic energy eventually goes to thermal energy, through Joule heating. In
the opposite case the second term in the right hand side of Equation (51) dominates

and thefield is frozen-in:
% =Vx(VxB) (54)
Almost everywhere in the solar atmosphere the magnetic Reynolds number is
much larger than unity. The behavior of the plasma and the magnetic field then

depends upon their relative energy density:

e |f the energy density (thermal plus kinetic) of the plasma is much smaller than
that of the field or, equivalently, if the sum of the gas pressure and the dynamic
pressure is much smaller than the magnetic pressure, then the magnetic field
dominates and the plasma flows along the field lines. This is the case in the
chromosphere, the coronaand in sunspots.

e In the opposite case the plasma dominates and will drag and deform the field.
This happens in the photosphere (outside sunspots) and in the solar wind

Aswe will seefurther on in this chapter, this simple argument can explain qual-
itatively almost everything that we see on the sun. Of course, today we have in
our disposal both powerful computers and efficient codes for solving numerically
the MHD equations and we have seen spectacular results of simulations that can
hardly be distinguished from real observations (see reviews by Nordlund, Stein and
Asplund [142], Moradi et al. [135], Rempel and Schlichenmaier [157], Solanki,
Inhester and Schiissler [172], Carlsson [35], de Wijn et al. [47]). Still, it is very
important to have a sound understanding of the physical principleswhich are often
hidden behind the simulations.

5.2 Photospheric structure

From the above discussion we expect plasmamotion to dominate in the photosphere
and drag the magnetic field lines. Indeed, the most prominent photospheric structure
is the granulation, with a spatial scale of ~1.5”, and a temporal scale of ~15min,
which is attributed to convection currents (see the classic work by Bray and Lough-
head [31] for a historic account, and recent reviews by Nordlund, Stein and As-
plund, [142] and Rieutord and Rincon [158]). As can be seen in Fig 12, which
shows intensity and velocity images of the photosphere at the center of the solar
disk, hot material in the bright granules ascends, while cooler material in the dark
inter-granular lanes descends; the same effect produces the zigzag appearance of
photospheric absorption lines (see, e.g., Fig. 6.20in [198]). As a matter of fact, the
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convection zone ends below the photosphere, which is convectionally stable; thus,
the granulation is an effect of overshoot of convection into the stable layers of the
photosphere.

HAIASDO Tnagos of photospheric grasslation: Intensity and welocity: Oct 10 2011 11:59:59 6173 & 1087 « 168"
el

Fig. 12 Image of the photospheric granulation at the center of the disk (left), together with an
image of the line of sight velocity (white towards the observer). The velocity has been averaged
over 5 min to reduce the effect of oscillations. (Data from the Helioseismic and Magnetic Imager
(HMI) aboard the Solar Dynamics Observatory (SDO))

The photospheric granulation is not the only convection system on the sun. A
larger scale (~40") and long lived (~20h) convection system was detected in 1962
by Leighton, Noyes and Simon [122], as a horizontal flow pattern (Fig. 13). The
pattern is better visible far from the center of the disk, where the horizontal flow
transl ates to approaching and receding line of sight velocities. This has been called
supergranulation. An intermediate scale convection system, the mesogranulation
has been reported by November et al. [144], who used correlation tracking to mea-
sure horizontal flows. The three scales of convection would be associated with the
ionization zones of HI, Hel and Hell. However, the existence of mesogranulation as
distinct scale of convection has been contested; views have been expressed that it is
an extension of granulation or even an artifact produced by the correlation tracking
algorithm (see discussion in [142] and [158])

The development of time-distance helioseismology has given us some informa-
tion on the depth of supergranulation, despite the inherent difficulties[93, 142]. Ac-
cording to Kosovichev and Duvall [94], supergranular flows appear downto 2-3Mm
below the surface; however the pattern disappears below ~ 5Mm, or is dominated
by noise. Similar results were obtained by Jackiewicz, Gizon and Birch [85], see
Fig. 14.

Under the influence of the plasma flows the magnetic field is deformed and
dragged at the edge of supergranular boundaries. The compressed magnetic flux
tubes appear as tiny bright features in intergranular lanes, best visible in very high
resolution photographstaken in the G-band (Fig. 15, |eft). These werefirst detected
by Dunn [48] and called filigree. Higher up, in the chromosphere, enhanced emis-
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Fig. 13 Supergranulation
cells, seen in aline of sight
velocity image, corrected
for solar rotation, from the
Michelson Doppler Imager
(MDI), aboard the Solar and
Heliospheric Observatory
(SOHO). Thisis the average
of 45 images taken on Jan-
uary 13, 1996, over the time
interval of 30 min.

Horizontal velocity — 200ms !

0
* (Mm)

Fig. 14 Horizonta (arrows) and vertical (color) supergranulation flows, at a depth of 1 Mm, com-
puted from the inversion of travel time measured over 3 days. From [85] and [77]

sion is observed above these regions (Fig. 15, right). The emission is more dif-
fuse there, apparently due to the lateral expansion of the magnetic flux tubes. These
regions of enhanced chromospheric emission constitute the well known chromo-
spheric network which, as pointed out in [122], coincides with the borders of the
supergranules. In spite of its name, the network has its roots in the photosphere, or
even lower.

The convective flows not only drag the magnetic field; they also compressit to
kilo Gauss strengths, as deduced first by Stenflo [174], from simultaneous measure-
ments in lines with different Landé factors. Magnetic field of such strength cannot
be confined by the plasma pressure alone, thus Parker [147] proposed that the field
is further confined as a result of the adiabatic cooling of the descending plasma.
Fig. 16 (left) shows a magnetogram of a quiet region near the center of the so-
lar disk; the strong network field is accompanied with brightenings in the contin-
uum around 1600 A (center); the strongest magnetic features are associated with
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Fig. 15 Bright points near the center of the solar disk, as seen in the G-band (left) and in the Caul
H line (right). The field of view is ... Images taken with the Dutch Open Telescope (DOT) on ...,
courtesy of R. Rutten.

persistent downflows (right). Note that the highest field value recorded is ~700G,
apparently limited by the resolution of the instrument; the maximum downflow is
~700m/s, about a factor of 2 stronger than measured by [43]. Note also that the
velocity image shows signs of granular convective maotion, reminiscent of the “per-
sistent” granulation [22], in spite of the 4 hour integration.

D0 Images: Hagnetic Tield, Contimmn (5 nin average) 8 velocity (4 h average! 3 det
11:59:59 G873 A May Losg 11:59:55 1708 & Int 11

Fig. 16 Line of sight magnetic field from HMI/SDO (left), intensity in the 1700A band from
AIA/SDO (middle) and line of sight velocity averaged over 4 hours from HMI/SDO (right); down-
flows are dark, upflows bright.

The fact that the vertical component of the magnetic field is strong at super-
ganular boundaries does not mean either that the internetwork region is devoid of
field or that thefield orientation is vertical . As demonstrated by the magnetogram of
Fig. 16, small magnetic elements are practically everywhere[178]. Asfor the orien-
tation of the magnetic field, recent results from the Solar Optical Telescope (SOT)
aboard Hinode have shown that both vertical and horizontal fields exist and, more-
over, more flux has been measured in horizontal fields than in vertical [123, 47].
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In arecent work, Ishikawa and Tsuneta [87] proposed that internetwork magnetic
fields are formed by the emergence of small scale flux tubes; the vertical magnetic
field at their footpointsis intensified due to convective collapse and advected by the
supergranular flow to form the network fields.

The network is well visible in the microwave radio range. Kundu et al. [106]
werethefirst to obtain quiet Sunimages at 6 cm wavel ength with arc-second resolu-
tion with the Westerbork Synthesis Radio Telescope (WSRT). Theseimages showed
a clear association of the microwave emission with the chromospheric network,
something that had aready been suggested on the basis of interferometric (e.g.,
[107, 103]) and one-dimensiona (e.g., [28, 72]) observations of the quit sun. This
conclusion was subseguently verified with the Very Large Array (VLA) observa-
tionsat 6 and 20cm by Gary and Zirin [69], and Gary etal [70] at 3.6 cm. Inthe mid
90's the VLA was used for quiet Sun observations in the short cm-range (1.2, 2.0
and 3.6cm) by a number of authors[20, 26, 98].

¥ (arcsecs)

-100 -50 0 50 -100 -50 0 50

Fig. 17 High-resolution radio images of the quiet Sun in the mm-wave to short cm-wave range.
(top): TRACE 1600A image together with the BIMA radio image at 3.5mm (85GHz) on May
18, 2004 (adapted from [126]). The field of view is 195’'by 195" and the spatial resolution is
12”; (bottom): Image of the absolute value of the photospheric magnetic field from KPNO (l€ft),
together with VLA radio images at 1.3cm (23 GHz, middle) and at 2.0cm (15 GHz, right) on
September 23, 1992 (adapted from [20]). The field of view is 165 by 165’ in and the spatial
resolution is 3.3” and 5” at 1.3 and 2 cm respectively.
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In the mm-range, high-resolution images of the quiet Sun werefirst produced by
White etal [190] and Loukitcheva etal [124]. They used the 10-element Berkeley-
Illinois-Maryland Association Array (BIMA) in its most compact D-configuration,
to obtain ~ 10” resolution. BIMA images at 3.5 mm are shown in Fig. 17, together
with VLA imagesat 1.3 and 2.0cm, for comparison. In al cases the chromospheric
network, delineated in the TRACE UV continuum images or the photospheric mag-
netograms, is the dominant structure in the radio images. Network structures appear
broader in radio, but this effect aimost disappearsif one degrades the TRACE im-
ages to the resolution of the radio images.

In addition to the spatial coincidence of bright radio features with the chromo-
spheric network, it is important to measure their intensity and size as a function
of wavelength. We should note that interferometric/synthesis observations cannot
measure the background level, which should be provided by other means. Thus, the
most appropriate measure of the intensity fluctuations is their amplitude or, even
better, their rms variation.

In all reported measurements, both the amplitude and the rms of spatial intensity
variations increase with wavelength. According to Benz etal [26], the rms varies
from 290K at 1.3cm to 930K at 3.6 cm; these values are consistent with the ones
given by Bastian etal [20] at 1.3 and 2 cm and they correspond to 2.8% and 5.8%
variations respectively if reasonable values for the background are used. The ac-
tual increase with wavelength should be larger, due to the decrease of spatial res-
olution. At 6.1cm, Gary and Zirin [69] give 8300K and 21400K above the back-
ground as the average value of individual source peak brightness in two regions,
while Kundu etal [106] give absolute values of ~ 2.5 x 10% and ~ 1.5 x 10*K for
typical network elements and cell interiors respectively at 6 cm. In the mm range,
Loukitchevaetal [125] give 1100K for the intensity variation.

These results have not been fully exploited in multicomponent models. Older
computations by Ciuderi Drago etal [37], based on the VAL [187] model, do show
an increase of brightness difference between network and cell interiors with wave-
length, while the values reported in recent works are close to those computed by the
above authorsfor the VAL model D (average network).

5.3 Structure of the chromosphere and the low corona

Above the photosphere, the energy density of the plasma drops dramatically due
to the decrease of the density, whereas the magnetic energy density decreases at a
slower rate. Eventually the magnetic field dominates over the plasmain the chromo-
sphere and low coronaand, as aresult, adramatic change in the morphology of fine
structures is observed. Structures of convective origin, such as granules and mag-
netic bright points give way to elongated structures delineating the lines of force of
the magnetic field.

Thisisillustrated in Fig. 18 where, in addition to the magnetogram of Fig. 16,
images of the same region in the Hell 304 A and in the Fex11 193 A lines, formed
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B0 Images: Magnetic field. He II & Fe XI1: Oct 18 2811 1887
17B1R B4 A Tut 1200193 A lat

11:59:59  GA73 & Hay

Fig. 18 Line of sight magonaic field from HMI/SDO (left), intensity in the Hell 304A band (mid-
die) and in the Fex11 193 A band (right) from AIA/SDO. Sameregion asin Fig. 16.

in the upper chromosphere and in the corona respectively, are shown. la addition
to the extension of the network, the Hell image shows a multitude of small scale,
low-lying loops, mostly in absorption (dark), joining regions of opposite magnetic
polarity. Although the appearance of the coronal image is different, loops are still
the basic structural element; here they all are in emission (bright), they are not as
numerous as in Hell and there is a lot of diffuse emission in between. The latter
is probably due to low intensity loops, too thin to be distinguished with the ~ 1",
resolving power of the instrument.

Note the absence of any trace of the network in the coronal image. Thisis well
known from the Skylab era[155]: the network becomes diffuse in the upper transi-
tion region and disappears in the low corona, apparently as a result of fanning out
of the magnetic field and field lines closing at low heights. A similar behavior is
expected for the radio network, the main problem here being the variable spatial
resolution. Bastian etal. [20] reported no detectable change in the size of network
elements between 1.3 and 2 cm, after smoothing the 1.3 cm image to match the 2cm
resolution. There is a lack of imaging observations between 6 and 20cm; in any
case, the few published quiet sun images at 20cm (e.g. [69], see also the 20cm
imagein Fig. 8) do not show much of a network.

A more classical picture of the chromospheric fine structure is shown in Fig. 19,
inthewing and at the center of the He: line. Thin, elongated dark structures, known
as dark mottles, emerge above the supergranular boundaries. They extend more or
less vertically and are best visible in the blue wing of the line, revealing a predom-
inantly upward motion. They are less prominent at the Hoe line center where, in
addition, fine bright mottles appear at their roots.

Seen at the limb, these structures appear as jet-like features (spicules, see [23,
24, 175, 149]), well visible in the wings of the He line. Spicules, with a typical
lifetime of ~10min; they rise to height of up to ~10000km with a velocity of ~
20kms 1 and then either fall down or diffusein the corona. A classic set of spicule
images, scanning the Ho line with a 1/4 A bandwidth filter, is shown in Fig. 20.
These were the best images at the time they were taken (1970); today we can have
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Fig. 19 A chromospheric region far from the center of the solar disk, in the blue wing of Hor (left)
and in the center of the line (right). The field of view is 95’ by 80”. Photographs with the 40 cm
Tourelle refractor at the Pic du Midi Observatory on September 27, 1979. Adapted from [5].

Fig. 20 Spicules at the limb, at the center and the wings of the Ho: line. Observed by R. D. Dunn
with the Vacuum Tower Telescope (now the Dunn Telescope) of the Sacramento Peak Observatory
in 1970. Adapted from afigure published in [127]

much higher spatial resolution, as evidenced in Fig. 21, which shows structures as
thin as afew tenths of an arc second. High resolution imaging from space, together
with the improved resolution of ground-based observations, has led to a number
of recent investigations both at the limb and on the disk. The new observations
reveal ed the existence of anew type of spicules, type |l spicules[46], which are both
faster (~100kms~1) and short lived (~1min, compared with ordinary spicules).
However, the existence of type Il spicules as a distinct class has been contested
recently [195]. The other domain where new observations have had an enormous
contribution is spicule oscillations (see Zagarashvili and Erdélyi [192] for details).
Note that the appearance of chromospheric structure in different lines can be
quite different, depending on the details of line formation. For example, limb struc-
tures seen in the Het1 304 A line are much much extended than Hot spiculesand are
known as macrospicules. An example is shown in Fig. 22, comparing spicules in
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Fig. 21 Spicules at the limb
observed in the Cail H line
with the Solar Optical Tele- 3
scope (SOT) aboard Hinode. it 2 ety G 5, N S
From [86] o

L ———

AIA data, North pole: Oct 18 2811 Int 288" x 8a"
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Fig. 22 SDO images of the limb near the north pole, in the 1600A band (top left), in trle Hell
304 A band (top right),in the continuum near 6173A (bottom left), and in the Fexi1 193A band
(bottom right).

the 1600 A band of AIA/SDO (mostly emission from the Civ lines at 1548 ,&) with
macrospicules; awhite light and a coronal image are included for reference.

The origin of spicules is still a subject of debate. As disk mottles are clearly
associated with the network, a magnetic origin is very likely; what is not clear is
whether they are a result of reconnection, as suggested by Pickelner a long time
ago [150], the result of leakage of photospheric oscillations expelling plasmaaong
the magnetic field lines, as suggested by De Pontieu, Erdélyi, and James[44], or the
result of some other process. Numerical simulations may provide some clues.

In the microwave range, there has been only one report of structures beyond the
limb [80], to the author’s best knowledge. However, several authors have detected
emission beyond the optical limb [106, 25, 166, 95], which makesthe radio radius of
the sunis larger than the optical. Chromospheric structures have aso been invoked
in theinterpretation of the center to limb variation of theintensity. Limb brightening
is expected in the microwave range, since the electron temperature increases with
height in the region of formation of the radiation. The observations, however, show
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less brightening than predicted by homogeneous models, or even show darkening
that cannot be attributed to the limited instrumental resolution. Thisisusually inter-
preted in terms of absorbing features, such as spicules (e.g. Lantosand Kundu [115],
Selhorgt, Silva, and Costa [167]). Note that, as cool spicules penetrate into the the
hot corona (Fig. 22), they can act as absorbing agents; this is not the case with the
chromosphere, where spicules are hotter than their surroundings[23, 24].

Another note-worthy observation is that polar regions are brighter than the low-
latitude quiet Sun at short cm-wavesto mm-waves. We will not discussthisin detail
here, but we will refer the reader to the review by Shibasaki, Alissandrakis and
Pohjolainen [169].

Fig. 23 A full disk HMI/SDO magnetogram (top left) with extrapolated magnetic field lines (top
right), the upper TR observed in the 171A (Feviir) band (bottom left) and the corona observed in
the 211 A (Fex1v) band (bottom right) with AIA/SDO on January 23, 2012. Images adapted from
http://sdowww.lmsal .com/suntoday/
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5.4 Large scale structure of the corona

The magnetic lines of force of small scale magnetic dipoles, associated with the
network magnetic fields, close at relatively low heights (comparable to the distance
between the opposite polarities). Thus the coronal structure is dominated by two
types of magnetic configuration: one is the medium and large scale bipolar fields
associated with active regions, where the plasma is confined by the magnetic field
in medium and large scale loops. The other is the so called open magnetic config-
uration, associated with extended regions of the same polarity; this cannot confine
the plasma, which expandsin the interplanetary medium as the fast solar wind and
what is left in the coronais just a hole. An example with both closed an open re-
gionsin the coronatogether with the corresponding magnetogram and extrapol ated
magnetic field linesis presented in Fig. 23.

As we go to heights where the solar wind attains significant speed, the kinetic
energy density of the plasmaincreases and surpasses the energy density of the mag-
netic field. Thus, if aclosed magnetic configuration extends high enough, the tops of
the outer lines of force will be dragged by the solar wind to giverise to the magnetic
configuration of astreamer (Fig. 24). Note that an electric current sheet (dashed line
in the right panel of the figure) is formed, separating regions of opposite magnetic
polarity [110]. Streamers are not cylindrically symmetric, as was thought in the past
(hence the term helmet streamer), but go around the sun, forming a belt which is
often irregular, depending on the complexity of the large scale solar magnetic field;
the associated current sheets extends into the interplanetary space, forming the he-
liosheet that separates opposite magnetic polarities in the heliosphere. Streamers
may also form in more complex (quadrupole) magnetic field configurations [108].

Fig. 24 A streamer observed with Yohkoh and a schematic drawing of the corresponding magnetic
configuration.

The magneticfield lines of force shown in Fig. 23 have been computed under the
current-free assumption, using the photospheric magnetic field as a lower bound-
ary condition (Schmidt [164] in plane geometry, Altschuler and Newkirk [11] in
spherical geometry and for the entire sun, see Chapter 5 in [13] for a more detailed
discussion). In the more general case of the force free approximation, the electric
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current is assumed to flow along the magnetic field, so that Ampere'slaw, Eq. (37),
takes the form:
VxB=aB (55)

whichincludesthe current-free case (o = 0). In this case the L orentz force vanishes,
hencetheterm force-free. It is easy to provethat o isconstant along amagneticfield
line. If o is assumed constant everywhere, we have the linear force free case; thisis
relatively easy to compute [3], compared to the non-linear case [13].

Fig. 25 Comparison of the computed intensity of the corona (left) with the correspond-
ing image of the COR1 coronograph aboard STEREO-B, on June 29, 2010. From
http://www.predsci.com/stereo/home.php

One can go further by taking into account the full set of MHD equations, and
compute, in addition to the magnetic field, the density of the plasma, as well as the
flow velocity in 3 dimensions. An example is shown in Fig. 25, where the coronal
intensity has been computed with the MAS code [159]. Despite the fact that the
computation is based on magnetic field data over a full solar rotation (26 days),
the similarity with the observed coronais remarkable, in particular for large scale
structures (such as streamers), which are also long-lived.

The coronais accessible with radio observations in the metric region, but here
one has to be content with arc-minute resolution. Moreover, the Sun must be with-
out any burst activity if the quiet Sun component is to be imaged. The first images
were obtained with the now-extinct Culgoora Radioheliograph at 80 MHz (3.75m)
and 160MHz (1.88m), followed by the also extinct Clark Lake Radioheliograph
at 73.8MHz (4.07m), 50MHz (6 m) and 30.9MHz (9.7 m). The Nancay Radiohe-
liograph (NRH) operated as two independent arrays (E-W and N-S) at 169MHz
(1.78m) until Alissandrakis, Lantos and Nicolaidis[9] employed aperture synthesis
to combine 6 hours of observationsinto a 2D-image with 1.2’ by 4.2’ resolution.

The NRH has evolved gradually to its present state of 2D synthesis instrument
[90], providing images at 10 frequencies from 450 to 150 MHz (67 cm to 2m) with
a cadence of 0.25sec. The instantaneous images, however, cannot exploit the full
resolution of the system since they only use the densely sampled inner part of
the u-v plane. In order to exploit the full resolution one has to resort to full-day
synthesis, which improves the resolution by a factor of ~ 2.5. This was done by
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Fig. 26 Synthesisimages with the Nancay Radioheliograph: (a) Images at 432, 327 and 164 MHz
on June 27, 2004, together with a GOES SX| image; (b) Images at 432, 327 and 173 MHz on June
6, 2008, together with an EIT 195A image and (c) Images at 432, 327 and 410 MHz on May 26,
1992, together with a Yohkoh SXT image. White dots in (a) and (b) show the resolution. (a) and
(b) were adapted from [132], and (c) from [116].

Marqué [129] with an emphasis on filament cavities and, more recently, by Mercier
and Chambe [132, 133] in a systematic study of the quiet Sun.

Fig. 26 shows some examples of synthesis images from Mercier and Chambe
[132], together with a set of 1992 images from [116]. Note that the NRH covers a
broad range of frequencies, the ratio of the maximum to minimum frequency being
~ 3; it can thus probe an atitude range from the upper TR to the low corona. The
atitude range goes lower in coronal holes. They are the most prominent feature at
long dm wavelengths and, in agreement with previous observations (e.g., Lantos et
al. [119]), their contrast decreases at |longer wavelengths.

Coronal holes are usually observed as brightness depressions at radio wave-
lengths (e.g., Lantos and Alissandrakis [117]; Borovik and Medar [30]), however
a mm- and cm-waves, the average brightness temperature of coronal holes is not
much different from that of the quiet Sun. A number of computations of the coronal
hole radio emission (e.g., Borovik et al. [29]; Chiuderi Drago et al. [39], Pohjo-
lainen [151]) have been published. Borovic etal. [29] observed four coronal holesin
the wavelength range of 2 to 32 cm with the RATAN-600 telescope and found that
the brightness difference between the holes and the quiet sun becomes appreciable
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after ~ 4 cm. In the best-fit model s the coronal holes are cooler than the background
and less dense by afactor of 2.
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Fig. 27 (@): Synoptic map of
the sun from NRH observa-
tions at 169 MHz. The black
region is the coronal plateau.
(b): The corresponding syn-
optic chart form K-corona
observations at 1.3R;, on the Kcorona Wlimb 13Ro | g0
West limb. From [118].

At decameter waves coronal holes are sometimes seen in emission, Dulk and
Sheridan [49] reported such a case. Lantos et al. [119] observed a bright emission
source at decametric wavelengths, located above an extended coronal hole, in a
region where a depression was seen at meter waves. A possible interpretation is
in terms of refraction effects (Alissandrakis [4], cf Fig. 3 of Lantos [116]) and/or
scattering in inhomogeneities.

In a systematic study of emission sources observed with the NRH at 169 MHz,
Lantos and Alissandrakis [117] came to the conclusion that the large scale emis-
sion is dominated by the coronal plateau (Fig. 27). Thisis an intermediate bright-
ness area forming a belt around the Sun and surrounding almost all local emission
sources (Lantos, Alissandrakis, and Rigaud [120]). It isvisible both in daily images
and in synoptic charts, and has a close association with the coronal plasma sheet
observed with K-coronainstruments (Fig. 27b). The diffuse emission of the coronal
plateau could be due to a high altitude loop system which overrides the principal
neutral line of the general solar magnetic field at the base of the heliosheet, with a
possible contribution of loops connecting active regions to surrounding quiet aress.
The same authors reported that medium scale local sources include both faint noise
storm continua and thermal sources. Most of the latter are located between faculae
and neutral lines, possibly in the upper leg of large scale loops. A small number
of thermal sources is closer to neutral lines, which might be loops at the base of
isolated coronal streamers.
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Coronal streamers are best visible at decametric wavelengths (see Lantos [116]).
They are less prominent in the meter and decimeter ranges, where one sees loops
at the base of streamers rather than proper streamers, as pointed out in the previous
paragraph. From the circularly polarized thermal emission of streamers observed
with the Gauribidanur radioheliograph at 77 and 109 MHz, Ramesh, Kathiravan,
and Sastry [154] were able to estimate magnetic field strengthsin the range of 5—6
G at 1.5-1.7 solar radii.

5.5 Filaments and prominences

The configuration of the magnetic field above neutral lines of the magnetic field
is such that, under certain conditions, it can sustain clouds of material of chromo-
spheric temperature and density against gravity and thermally isolate them from the
hot corona. In chromospheric lines and on the solar disk, these clouds appear in ab-
sorption as filaments ; projected beyond the solar disk, they appear in emission as
prominences (see recent reviews by Labrosse et al. [112] and Mackay et al. [128]).

Fig. 28 Image of a filament
at 432 MHz (left) and Ho
(right). From [130]

At decimeter-meter wavelengths (Fig. 28), as well as in the mm and cm range
(Fig. 29), large filaments are observed as regions of lower brightness temperature
on the solar disk. Beyond the limb filaments are seen in emission, projected against
the sky; in this case it is possible to calculate electron temperatures and densities
using multi-frequency radio observations [84].

A systematic study of filaments and their environment in the metric radio
range was presented by Marqué [129]. He used NRH observations primarily at at
410.5MHz, pointing out that the visibility of filament associated radio depressions
is rather poor at lower frequencies. He concluded that the most likely source of
the radio depressionisthe cavity (electron density depletion) that surroundsthefila-
ment. Note that in cm and mm wavel engths contradictory results have been reported
on the contribution of the cavity to the observed radio depression [105, 156].

A set of simultaneous observations of a filament in the microwave range and
in the EUV, was analyzed by Chiuderi Drago et al. [38] (Fig. 29). The authors
concluded that the depression at radio wavelengths is due to the lack of coronal
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Filament Observations, July 28,1996; 350" x 300"
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Fig. 29 A filament observed at radio wavelengths (VLA and NoRH), in He:, and in Hel 10830A.
From dataused in [38].

emission; the same data favored a prominence model with cool threads embedded
in the hot coronal plasma, enveloped by asheath-like TR, and afilling factor varying
from about 3 to 4%.

6 Active Regions

Active Regions appear in the photosphere as roughly bipolar magnetic regions of
intermediate scale (~ 0.2R., or ~ 1.5 x 10° km). Sunspots, associated with strong
magnetic fields (above ~1000G), are their primary manifestation in the photo-
sphere, bright plage emission, associated with intermediate magnetic fields, prevails
in the chromospheric layers together with elongated fibrils, indicating a more orga-
nized magnetic field compared to the quiet sun, while impressive loops mark their
presence in the corona. They are accompanied by all sorts of dynamic phenomena,
most notably flares.

Active regions are the result of emergence of large quantities of magnetic
flux from the subphotospheric layers, a result of magnetic buoyancy (see, e.g.
[146, 152, 157]) and disappear as the magnetic flux is dissipated in eruptive events,
or is spread out as a result of convective motions. Figs. 30 and 31 show images of
an active region from the photosphere to the low corona, during its emergence and
development phase, as the region crosses the solar disk.

Concentrating on the radio emission, we note that in the 17 MHz images of July
30, August 2, 3 and 4 show the classic two components of sunspot and plage as-
sociated emission, identified for the first time by Kundu [100] with a 2-element
interferometer and imaged by Kundu and Alissandrakis [102] with the Westerbork
Synthesis Radio Telescope. Since that time many observations have been published
(seereviews by Gelfreilkh [71] and Lee[121]). It iswell established that the sunspot,
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Fig. 31 SameasFig. 30, inthe 171A band (Feix, logT ~ 5.8), inthe 335A band (Fexv1, logT ~
6.4) from AIA/SDO and at 17 GHz from the NoRH



Structure of the solar atmosphere: aradio perspective 39

or core component of the emission is due to the gyroresonance process [88, 196, 8],
whereas the plage, or halo component is due to free-free emission (see a so chapter
by Nindos).

Going back to Figs. 30 and 31, note that no sunspot component is visible on
the other days, apparently due to the low value of the sunspot field with regard to
the observing frequency. Note also that on July 26 to 28, emission as strong as the
sunspot emission is observed, apparently associated with hot coronal loops seen in
the 3354, (Fexv1) band. This is reminiscent of the neutral line sources reported
by Kundu et al. [104] (see aso [182] and references therein) and attributed to a
quasi-steady, low density population of non-thermal electrons[10].

At longer wavelengths a decimetric halo component of non-thermal nature has
been reported [71], while at even longer decimetric and metric wavelengths no
sunspot-associated emission is visible, presumably due to the high opacity of the
overlaying plasma and refraction effects.

The microwave emission of active regionsis a powerful diagnostic of the mag-
netic field in the transition region and the low corona. The magnetic field determines
the emissivity of gyroresonace process operating above sunspots, of the free-free
process above plages, as well as polarization inversion effects higher up (see the
relevant chapter in this book for details).

In addition to the magnetic field, sunspot-associated emission can provide infor-
mation about the temperature and density structure of the sunspot atmosphere [139,
92]. In this context, it is interesting to mention the detection of low temperature
material in the coronaabove certain sunspots[7, 177], which was interpreted as the
radio counterpart of cool sunspot plumes embedded in the hot corona and detected
in the EUV by Skylab [64, 65] This was later verified by Brosius and White [33],
from simultaneous microwave and EUV observations. Let us also mention in pass-
ing the detection and study of sunspot oscillations [73, 140] and refer the reader to
the review by Nindos and Aurass [138] for more details. We also refer the reader to
thereviewsby Solanki [173] and by Rempel and Schlichenmaier [157] for extensive
descriptions of sunspots.

7 Heating of the Chromosphere and the Corona

7.1 The problem

Elementary thermodynamics tells us that you cannot transfer energy from a cold
body to a hot body through radiation, conduction or convection. How do you then
explain the temperature minimum and the subsequent temperature rise in the chro-
mosphere and the corona and the energy carried away by the solar wind? The obvi-
ous answer isthat you have to transport energy from below by mechanical means.
The first answer was proposed more than 60 years ago, by Schwarzschild [163]
and by Schatzman [162]: the chromosphere and the corona are heated by the dissi-
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pation of shock waves, originating as acoustic waves in the the noise produced by
the granulation and steepened as they propagate upwards in regions of decreasing
density. The discovery of the five-minute oscillations gave a boost to this idea, still
other ideas, more promising, have been advanced. In what follows we will discuss
some concepts and constrains with regard to the heating problem. Obviously, we
cannot be exhaustive, so we refer the reader to Chapter 6 of Priest [152], Chap-
ter 9 of Aschwanden [13] and reviews by Withbroe and Noyes [191], Walsh and
Ireland [188], Klimchuk [91] and Erdélyi and Ballai [53].

First of al, the question is not that of bulk heating, as the upper solar atmo-
sphereis highly structured (Section 5). In the chromosphere, for example, we need
to supply more energy to the network, which is brighter, more dense and more dy-
namic than the internetwork regions. In the corona, individual flux tubes have their
own energy requirements. A loop will become visible in a particular spectral line,
if it contains enough plasma at the appropriate temperature; this plasma presum-
ably comes from the chromosphere, through evaporation induced by the deposition
of energy somewhere in the loop. Open flux tubes in coronal holes must also be
heated, both on their own sake and in order to provide energy to the plasma that
makes the fast solar wind. Note also that coronal heating requirements vary during
the solar cycle, as evidenced by the great variationsin X-ray brightness revealed by
Yohko images. Thus the problem is not just to have an abundance of wave or some
other form of mechanical energy, but mainly to transport and dissipate the energy at
the proper place and at the proper time.

SDO Data Oct 18 2811 248nin x 48"

6173 A& Mag Long

Fig. 32 Position (vertical
axis) - time (horizontal axis)
cuts through a magnetic el-
ement. Granular motions
are clearly visible in the top
panel; the middle and the bot-
tom panels show the motion 1700 A Int
of the magnetic element and
the corresponding bright point
in the 1700A band. A low
pass filter has been applied
in the time domain to reduce
the effect of the 5 minute
oscillations.
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The magnetic field plays the primary role in determining the structure of the
upper atmospheric (Section 5); we also expect the magnetic field to influence the
propagation of acoustic waves and, in addition, to provide plenty of additional wave
modes. Wave heating, which is commonly referred to as AC heating, is not the only
possibility. At the photosphericlevel, magnetic flux tubes (section 5.3) are known to
be in continuous motion, as shown in Fig. 32, in response to horizontal convective
flows. As aresult waves could be excited but, what is probably more important, the
magnetic lines of force, which extend up in the chromosphere and the corona, will
become tangled, accumulating magnetic energy in innumerable current sheets. This
magnetic energy cannot accumulatein perpetuo, thusit will eventually be converted
to heat (DC heating) in the course of reconnection, either through Joul e dissipation
(Eq. 51), or even through collisionless processes. Note that these processes could
also accelerate particles that will eventually depose their energy in the plasma; these
particles should have observable consequences both in the radio and the hard X-ray
range.

Reconnection mechanisms have been invoked to explain energy releasein flares,
hence the concept of nanoflare heating, first proposed by Parker [148]. Nanoflares
are impulsive by nature and are expected to occur in elemental flux tubes that are
below the resolution limit of present-day instruments. Impulsivenessis not limited
to nanoflares, but may characterize AC heating as well [91].

A radically different approach has been advanced by Scudder [165], that the coro-
nal plasma originates in suprathermal particles escaping from the transition region.
A common criticism to thisidea[91] is that, if it were correct, the corona should be
similar in the quiet Sun and coronal holes, since thetransition regionis quite similar
in these regions (see bottom imagesin Fig 23).

Although we have plenty of mechanisms, we have no answer as to which mech-
anism(s) may operate and in which case. As a matter of fact, we have plenty of
negative answers. It is encourging that there is sufficient energy associated with
the granulation noise, as already pointed out by Schatzman and also in the ran-
dom motion of magnetic flux tubes [91, 6], but this is not enough, as pointed up
above. Nanoflare heating is certainly attractive, but it evades observationa confir-
mation. Several authors have computed histograms of the energy distribution in
impulsive events, including microflares observed in abundance with RHESSI and
previous missions [81]; the extrapolation to low energies only gave negative results
as far as heating is concerned. Acoustic wave heating has been a favorite for the
non-magnetic chromosphere, but it appears that the appropriate waves do not carry
enough energy [63]. Other types of waves, such as Alfvén waves in the presence of
turbulence[183], might help.

Let us finaly note that, in addition to heating the upper chromosphere, one has
to replenish the corona with the mass lost through the solar wind. However, thisis
not considered a problem since, as it has been shown along time ago [24], spicules
that diffuse into the corona carry more mass than is actually required.
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7.2 Pertinent radio data

We will now summarize radio observationsthat might have a bearing to the heating
problem (see also [6] and [169]). It is fairly well established [54, 20] that radio fine
structures show time variability comparable to that of the chromospheric network,
on time scales of minutes to hours. Apart from that, it is important to check for
oscillatory behavior, which could be a signature of shock waves heating the upper
solar atmosphere. Thisis not an easy task, due to the inherent difficulties in the in-
stantaneous mapping of complex structures. In this context, White, Loukitchevaand
Solanki [190] reported intensity oscillations in the mm-wavelength range with rms
brightness variation of 50-150K; they noted that network regions had a tendency to
exhibit longer period oscillations than the intranetwork.

A number of authors have looked for impulsive/transient events that may have a
bearing on the heating of the upper atmosphere, as the radio range is very sensitive
to small non-thermal electron populations that are expected as a by-product of the
reconnection process. In this context, Krucker et al. [98] detected four Yohkoh soft
X-ray events associated with radio emission at 2cm in 10s VLA snapshot images,
they estimated that roughly one such event occurs on the Sun every 3 seconds, all
together providing atotal power of ~ 2 x 102 ergs~1, which is 5 times|ess than the
total power radiated by the quiet coronain X-rays. Inasimilar study Gary, Hartl and
Shimizu [68], using one OV RO antennaand Yohkoh SXT images, found that only 5
out of 35 transient brightenings detected with SXT in an active region had no radio
counterpart; they also found adelay of 1 to 2 min of the X-ray peak with respect to
theradio. The relative timing of events was also studied by Benz and Krucker [27],
using data at 2, 3.6, and 6 cm from VLA together with EIT, CDS and SUMER data
from SOHO. They found that the radio peaks preceded the coronal emission and
lagged behind O v emission (see aso [97]).

Some of these transient events have flare-like characteristics and might be asso-
ciated with X-ray bright points rather than with the network proper. Indeed, there
appears to be a continuity between bursts, the radio counterparts of X-ray bright
points (see Keller and Krucker [89] and referencestherein), and smaller events such
as those described in the previous paragraph. Transient brightenings are observed
in microwaves both within and well-away from any active region and both thermal
and non-thermal emission mechanisms have been suggested [189, 141]. In any case,
it seems evident that electrons are accelerated to non-thermal energies even in the
quiet solar atmosphere.

At longer wavelengths, short-duration, isolated metric radio bursts, not associ-
ated with any radio continuum and located outside active regions have been reported
[41, 153]. Burst locations were determined from radioheliograph images, but no
counterparts were found in X-ray, EUV, and UV events. Further analysis would re-
quire simultaneous high time-resolution imaging data at all wavelengths. Decamet-
ric radio observations present numerous faint, frequency-drifting emissions, similar
to “solar S bursts’ reported by McConnell [131]. No specific relationship between
the occurrence of these emissions and the solar cycle or presence of flares have
been found by Briand et al. [32], who suggested that a moderate, localized, time-
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dependent heating leads to low velocity electron clouds, which can in turn generate
Langmuir waves and electromagnetic signals by nonlinear processes.

We may concludethat radio observationscan provideimportant input to the prob-
lem of the heating of the chromosphere and the corona, both in the wave and nano-
flare heating scenarios. Instruments with dense coverage of the u-v plane as well
as improved reconstruction techniques are necessary, in order to provide accurate
instantaneous images of regionswith complex structure.

8 Final comments

In addition to being our source of life, the sun is also the nearest star (hence the
stellar prototype) and an immense laboratory of plasma physics. During the last
few decades we have accumulated a tremendous amount of knowledge on how the
sun operates and how it affects our daily life, thanks to the development of new
instruments, both ground-based and space-born, and the advances in the theory and
numerical simulations.

An important ingredient of the recent progressis the exploitation of information
from all spectral ranges. The radio domain is a basic source of information. In this
respect, it isin competition with the EUV and X-ray domains which also provide
information about the samelayers of the solar atmosphere and the same phenomena.
We should stress. however, that the interpretation of radio data, at least for the quiet
sun and a good part of active phenomena, is straight forward; it is not plagued by
non-LTE effects, uncertainties in excitation and ionization equilibrium and abun-
dances, as are other wavelength ranges. The weakness of radio is the low spatial
resolution, but this can be overcome with large synthesis instruments, without hav-
ing to go to to space; there are several such projects under development (see Section
6.2in[169]).

Asit is usualy the case, as we learn more, old questions are answered, at least
partialy, and new questions emerge. With the new instrumentation currently under
development and the continued effort on the theoretical side, we will certainly have
important results in the next few years.
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